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Preface

Nuclear processes generate the energy that makes stars shine. The same nu-
clear processes in stars are responsible for the synthesis of the elements. When
stars eject part of their matter through various means, they enrich the interstel-
lar medium with the nuclear ashes and thereby provide the building blocks
for the birth of new stars, of planets, and of life itself. The theory of this
building of elements is called nucleosynthesis and it is remarkably success-
ful in describing the nuclear processes in stars that are located so far away
from us in space and time. It is equally remarkable how the theory predicts
these processes based on the quantum mechanical properties of atomic nuclei.
Nucleosynthesis, nuclear energy generation in stars, and other topics at the in-
tersection of nuclear physics and astrophysics make up the science of nuclear
astrophysics. Like most fields of physics, it involves both theoretical and ex-
perimental activities. The purpose of this book is to explain these concepts
with special emphasis on nuclear processes and their interplay in stars.

Work on the manuscript for this book started when I was invited to teach
a two-week long graduate-level course on “Nuclear Physics of Stars” at the
Universitat Politècnica de Catalunya in Barcelona, Spain, in June 2003. During
the preparations for the course it became quite obvious that it would be useful
to have an up-to-date textbook available. The encouragement I received from
many colleagues and students to write such a book was instrumental for my
decision to begin work on a manuscript.

After a decade of teaching at the University of North Carolina at Chapel
Hill I learned from my students to take no “well-established” fact for granted.
They wanted to see derivations of equations when I attempted to state “the
obvious.” They insisted on more fundamental explanations when I just tried
to “wave my hands.” The style of the present book is certainly influenced by
my teaching experience. Indeed, most equations are derived in the text and
special emphasis has been placed on the art work. My main intention is to
explain complicated concepts in the simplest and most intuitive manner. In
some instances, more elegant formulations of concepts have been presented
in the literature. For the manuscript these were considered only if I found



XII Preface

it impossible to come up with a simpler explanation. Colleagues frequently
wanted to know “which review paper” I used in the preparation of a spe-
cific section. My strategy was to consult review articles only after I wrote a
complete first draft of the section. That way I was forced to comprehend the
subject myself from the beginning and to come up with a coherent presenta-
tion.

The present book is directed toward advanced undergraduate students,
graduate students, and researchers in the fields of nuclear physics and as-
trophysics. Chapter 1 starts with the basic concepts in nuclear physics and
stellar evolution. Chapter 2 develops the theory of nuclear reactions starting
from basic quantum mechanical ideas. Nuclear processes in a stellar plasma
are discussed in Chapter 3. Chapter 4 contains the most important experi-
mental information needed in order to perform measurements in nuclear as-
trophysics. Chapter 5 provides a discussion of the theory of stellar nucleosyn-
thesis. The appendices contain sections on basic solutions of the Schrödinger
equation, angular momentum selection rules, kinematics, and the theory of
angular correlations. At the end of the text, physical constants, mathemati-
cal symbols and physical quantities are listed as an aid for the reader. As a
prerequisite, the student should have taken an undergraduate course in mod-
ern physics with elementary coverage of wave functions. An undergraduate
course in quantum mechanics or nuclear physics would also be helpful, but is
not required.

The present book goes into considerable depth and, consequently, restric-
tions in time and space made it unavoidable for me to omit a number of impor-
tant topics. The instructor who is using this book may wish to supplement the
material presented here with information on primordial nucleosynthesis (J.
Rich, Fundamentals of Cosmology, Berlin: Springer, 2001), cosmic-ray spallation
reactions (E. Vangioni-Flam, M. Cassé and J. Audouze, Phys. Rep., Vol. 333, p.
365, 2000), nucleochronology (J. J. Cowan, F.-K. Thielemann and J. W. Truran,
Ann. Rev. Astron. Astrophys., Vol. 29, p. 447, 1991), neutrino astrophysics
(J. N. Bahcall, Neutrino Astrophysics, Cambridge: Cambridge University Press,
1989), ν-process (Woosley et al., Astrophys. J., Vol. 356, p. 272, 1990), presolar
grains (M. Lugaro, Stardust from Meteorites, Singapore: World Scientific, 2005)
and indirect measurements of astrophysically important nuclear reactions. It
is utterly impossible to recommend one, or even a few, references for the last
topic which represents a vast field in its own right.

I would certainly not have written this book without the influence of two
of my colleagues. I am indebted to Jordi José, who invited me to Barcelona
in 2003 and who organized my lectures and my wonderful stay there. I also
wish to express my appreciation to Art Champagne, who supported me pro-
fessionally through all stages during the preparation of the manuscript. A
number of people have read through parts of the manuscript and have pro-
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vided many valuable suggestions and comments. The book benefited sub-
stantially from their input. It is my pleasure to thank Carmen Angulo, Dick
Azuma, Bruce Carney, Gerald Cecil, Art Champagne, Alan Chen, Alessandro
Chieffi, Alain Coc, Pierre Descouvemont, Ryan Fitzgerald, Uwe Greife, Raph
Hix, Jordi José, Franz Käppeler, Karl-Ludwig Kratz, Alison Laird, John Lat-
tanzio, Marco Limongi, Richard Longland, Alex Murphy, Joe Newton, Anuj
Parikh, Helmut Paul, Tommy Rauscher, Paddy Regan, Hendrik Schatz, Sum-
ner Starrfield, and Claudio Ugalde. I should like to thank Daniel Aarhus for
typing the manuscript, and John Kelley for helping with the preparation of
some figures. I would like to acknowledge support from a University Re-
search Council publication grant from the University of North Carolina at
Chapel Hill and I am also grateful for the support I received from the Tri-
angle Universities Nuclear Laboratory. The book is dedicated to my daughter
Alina, my son Kimon, and my wife Andrea, who certainly felt the significant
investment of my private time in this project during the past four years.

Carrboro, September 2006 Christian Iliadis
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1

1
Aspects of Nuclear Physics and Astrophysics

1.1
History

In 1920 Aston discovered that the mass of the helium atom is slightly less than
four times the mass of the hydrogen atom. Immediately afterward, Edding-
ton suggested in his 1920 presidential address to the British Association for
the Advancement of Science that Aston’s discovery would explain the energy
generation of the Sun via the conversion of hydrogen to helium. However, Ed-
dington could not explain the fact that the stellar temperatures inferred from
observation were well below those thought necessary to initiate fusion reac-
tions. In 1928 Gamow, and independently Condon and Gourney, calculated
the quantum mechanical probability for particles to tunnel through potential
barriers and thereby explained the phenomenon of α-particle decay (Gamow
1928, Condon and Gourney 1929). Atkinson and Houtermans used Gamow’s
results to suggest that quantum mechanical tunneling may explain the energy
generation of stars via fusion reactions (Atkinson and Houtermans 1929).

Cockcroft and Walton (1932) initiated the first nuclear reaction using artifi-
cially accelerated particles by bombarding and disintegrating lithium nuclei
with protons accelerated to several hundred keV energy. Incidentally, the dis-
integration of lithium into two α-particles is one of the reactions of what would
later be called the pp chains. Lauritsen and Crane produced in 1934 a 10-min
radioactivity following the bombardment of carbon with protons. It was the
first measurement of one of the reactions of what would later be called the
CNO cycle.

Atkinson (1936) proposed the fusion of two hydrogen nuclei to deuterium
as a source of stellar energy generation. A detailed treatment of this reac-
tion was provided by Bethe and Critchfield who showed that the p + p re-
action gives indeed an energy generation of the correct order of magnitude
for the Sun (Bethe and Critchfield 1938). The energy production in stars via
the CNO cycle was independently discovered by von Weizsäcker (1938) and
Bethe (1939). The latter work, in particular, investigated for the first time the
rate of energy production and the temperature dependence of the CNO cycle.
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In the following years some of the pioneering ideas of nuclear astrophysics
were established. In two papers, Hoyle first presented the theory of nucle-
osynthesis within the framework of stellar evolution by using the nuclear data
available at the time (Hoyle et al. 1946, Hoyle 1954). Nuclear experiments had
firmly established that no stable nucleus of mass number 5 or 8 exists in na-
ture. For this reason, it was a mystery how these mass gaps could be bypassed
in the synthesis of heavier nuclei from lighter species. Salpeter suggested in
1951 that a small equilibrium concentration of unstable 8Be could capture an-
other α-particle to form stable 12C and that this “triple-α reaction” could be the
main energy source in red giant stars (Salpeter 1952). Hoyle pointed out that
the capture probability would be far too small unless an excited state with zero
spin and positive parity existed in 12C at about 7.7 MeV excitation energy. His
remarkable theoretical insight was verified when the level was clearly iden-
tified (Dunbar et al. 1953) and its properties determined (Cook et al. 1957),
thereby establishing the triple-α reaction as the mechanism to overcome the
mass 5 and 8 gaps.

In an influential review, Suess and Urey demonstrated the existence of sev-
eral double peaks in a greatly improved distribution of observed solar-system
abundances (Suess and Urey 1956). It became immediately clear that these
abundance peaks were associated with the neutron shell fillings at the magic
neutron numbers in the nuclear shell model that Jensen and Goeppert Mayer
had developed in 1949. The nucleosynthesis processes for the heavy nuclides
beyond iron via neutron captures became later known as the s- and r-process.

Of great importance was the discovery of spectral lines from the element
technetium in evolved red giant stars (Merrill 1952). All of the technetium
isotopes are unstable and the longest lived isotope has a half-life of ≈ 4.2 ×
106 y. Such half-lives are very short on a cosmological time scale (≈ 1010 y)
and, consequently, the discovery showed beyond doubt that the technetium
must have been produced “recently” within the stars and that the products of
nucleosynthesis could indeed reach the stellar surface with the help of mass
loss and mixing.

The available knowledge at the time regarding the synthesis of elements
was presented in a review article by Burbidge et al. (1957), and independently
by Cameron (1957). These papers laid the ground work for the modern theory
of nuclear astrophysics. The field has developed since into an exciting dis-
cipline with impressive achievements, linking the topics of astronomical ob-
servation, nuclear physics experiment, nuclear theory, stellar evolution, and
hydrodynamics.
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1.2
Nomenclature

Atomic nuclei consist of protons and neutrons. The symbol Z denotes the
number of protons and is called atomic number. The number of neutrons is
denoted by the symbol N. The mass number A is defined by the integer quan-
tity A = Z + N. It is sometimes also referred to as nucleon number. Nuclei
with the same number of protons and number of neutrons have the same nu-
clear properties. They can be represented by the symbol A

Z XN , where X is
the element symbol. Any individual nuclear species is called a nuclide. Nu-
clides with the same number of protons, but different number of neutrons
(and hence a different mass number A) are called isotopes. Nuclides of the
same mass number, but with different numbers of protons and neutrons are
called isobars. Nuclides with the same number of neutrons, but with different
number of protons (and hence a different mass number A) are called isotones.
Isotopes, isobars, and isotones have different numbers of protons or neutrons
and, therefore, their nuclear physics properties are different.

Nuclides can be represented in a two-dimensional diagram, called chart of
the nuclides. It displays the number of neutrons and protons on the horizontal
and vertical axes, respectively. Each square in this diagram represents a dif-
ferent nuclide with unique nuclear physics properties. Figure 1.1 displays a
section of the chart of the nuclides, showing the lightest species with Z ≤ 15
and N ≤ 20. The shaded squares represent stable nuclides, while the open
squares correspond to unstable nuclides with half-lives in excess of 1 ms. It
is obvious that many more unstable than stable nuclides exist in nature. It is
also striking that no stable nuclides exist with a mass number of A = 5 or 8.
This circumstance has a profound influence on the nucleosynthesis in stars, as
will be seen in Chapter 5.

Example 1.1

The nuclide of carbon (Z = 6) with 7 neutrons (N = 7) has a mass number of A
= Z + N = 13 and is represented by the symbol 13

6C7. Since the element symbol
and the number of protons (atomic number) carry the same information, both
Z = 6 and N = A − Z = 7 are frequently suppressed in the notation. The
carbon species with mass number A = 13 is then unambiguously described by
the symbol 13C.

The species 12
6C6, 13

6C7, and 14
6C8 are isotopes of carbon (Z = 6); 20

10Ne10, 20
11Na9,

and 20
12Mg8 are isobars of A = 20; 28

14Si14, 29
15P14, and 30

16S14 are isotones of N = 14.
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Fig. 1.1 Section of the chart of the nuclides, showing the lightest
species with Z ≤ 15 and N ≤ 20. The shaded squares represent sta-
ble nuclides, while the open squares correspond to unstable nuclides
with half-lives in excess of 1 ms. The only exceptions are the nuclides
8Be and 9B which have much shorter half-lives. Note that no stable
nuclides exist with a mass number of A = 5 or 8.

1.3
Solar System Abundances

It is commonly accepted that the solar system formed from the collapse of a
gaseous nebula that had an almost uniform chemical and isotopic abundance
distribution. Abundances in the solar system are also similar to those found
in many stars, in the interstellar medium of the Sun’s neighborhood and in
parts of other galaxies. Therefore, it was hoped for a long time that a care-
ful study of solar system abundances would provide a “cosmic” or “univer-
sal” abundance distribution, that is, an average abundance distribution which
is representative for all luminous matter in the universe. A closer compari-
son of abundances in the solar system and other parts of the universe shows,
however, significant compositional differences. Furthermore, the discovery of
presolar grains in primitive meteorites allowed for the first time a very precise
chemical and isotopic analysis of interstellar matter. Measurements of isotopic
abundances in these presolar grains revealed the existence of very large devi-
ations compared to solar system values. Following common practice in the
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recent literature, we will avoid the term “universal” abundances and use in-
stead the expression solar system abundances when referring to the abundance
distribution in the solar system at the time of its formation. The latter distri-
bution provides an important standard to which reference is frequently made.

There are two major, independent and sometimes complementary, sources
of solar system elemental abundances: (i) observations of the solar photo-
sphere, and (ii) analysis of a specific class of meterorites, called CI carbona-
ceous chondrites. The Sun contains most of the mass in the solar system and
is, therefore, representative for the overall composition. On the other hand,
planets contain much less mass but they underwent extensive chemical frac-
tionation over the past 4.5 Gy since their formation (Cowley 1995). Among
the more than 20,000 recovered meteorites, there are only five known CI car-
bonaceous chondrites. Although they contain a minuscule amount of matter,
they are believed to be among the most primitive objects in the solar system.
They show the least evidence for chemical fractionation and remelting after
condensation and thus they retained most of the elements (except for a few
very volatile species) present in the original matter of the solar nebula. De-
tails on how these abundances are obtained will not be repeated here (see, for
example, Arnett 1996, Grevesse and Sauval 1998, Palme and Jones 2003, Lod-
ders 2003). It is sufficient to remark at this point that the abundances derived
from the solar photosphere and from primitive meteorites are in remarkable
overall agreement (better than ± 10% for most elements). Solar system isotopic
abundances are then derived from the elemental abundances by using mainly
terrestrial isotopic ratios (Rosman and Taylor 1998).

The solar system abundances of the nuclides are shown in Fig. 1.2a versus
mass number A. The abundances are normalized to the number of silicon
atoms. In cases where two or more stable isobars exist for a specific mass
number A, the sum of the individual abundances is shown in the figure. Part
b displays the abundances separately for even-A and odd-A nuclides. Almost
all the mass is contained in 1H (71.1%) and 4He (27.4%). There is an abundance
minimum in the A = 5–11 region, corresponding to the elements Li, Be, and
B. More than half of the remaining mass (1.5%) is in the form of 12C and 16O.
The abundances drop slowly with increasing mass number. Another mini-
mum occurs in the A = 41–49 region, around the element Sc. The abundance
curve exhibits a maximum in the A = 50–65 region, near the element Fe. The
nuclides in this region are referred to as the iron peak. Beyond the iron peak,
the abundances in general decrease with increasing mass number, although
pronounced maxima are clearly visible in the A = 110–150 and A = 180–210
regions. Closer inspection of Fig. 1.2b also reveals that even-A nuclides are
generally more abundant than odd-A nuclides. Furthermore, the abundance
curve for odd-A nuclides is considerably smoother than the one for even-A
nuclides.
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The outstanding gross features in Fig. 1.2 are the abundance maxima and
minima. Specifically, the abundances do not scatter randomly, but instead ex-
hibit a certain regularity and systematics. It is reasonable to assume that the
abundances within any group or subgroup of nuclides can be attributed pri-
marily to a specific mechanism of nucleosynthesis. Starting with the work of
Suess and Urey (1956), such tables of solar system abundances had an enor-
mous influence on investigations of the origin of the elements and the devel-
opment of nuclear astrophysics. Not only did it become possible to identify
and study various processes of nucleosynthesis that left their distinctive sig-
natures in the abundance distribution, but a connection could also be made to
the environments in which these sources of nucleosynthesis operated. All nu-
clides, with few exceptions, are synthesized in stars. Therefore, the observed
solar system abundances offer powerful clues to stellar history and evolution,
and by extension, to the chemical evolution of the Galaxy as a whole.

It is fascinating that the structures seen in Fig. 1.2 reflect the nuclear physics
properties of various processes occurring in nature. A few very general com-
ments follow below. All of the hydrogen (1H and 2H) and most of the helium
(3He and 4He) nuclei originated in the Big Bang (Rich 2001). The most abun-
dant of these, 1H and 4He, are the basic building blocks for the synthesis of
heavier and more complex nuclei. A deep abundance minimum occurs in the
Li–Be–B region. These nuclides are easily destroyed in fusion reactions with
protons (that is, their cross sections are very large). Therefore, their observed
solar system abundances must be explained by processes that occur in sites
other than stellar interiors. They are thought to be produced via spallation re-
actions induced by Galactic cosmic rays (Vangioni-Flam, Cassé and Audouze
2000). However, the Big Bang and certain stars did most likely contribute to
the production of 7Li. All of the heavier nuclides with A ≥ 12 are produced
in stars. The nuclides in the region between 12C and 40Ca are synthesized via
charged-particle nuclear reactions in various stellar burning processes. Reac-
tions between charged particles are subject to the Coulomb repulsion. The
larger the charge of the reacting nuclei, the smaller the nuclear reaction prob-
ability will become. This circumstance is reflected in the overall decline of
the abundance curve from 12C to 40Ca. The abundance maximum of the iron
peak is explained by the fact that these nuclides represent energetically the
most stable species (Section 1.5.1). Because of the large Coulomb repulsion,
the synthesis of nuclides beyond the iron peak via charged-particle reactions
becomes very unlikely. These nuclei are instead produced by the capture of
neutrons. The abundances of nuclides in the A > 80 region are on average a
factor of 1010 smaller compared to the hydrogen abundance, as can be seen
from Fig. 1.2. The observed narrow and broad peaks in this mass region pro-
vide unambiguous evidence for the existence of two distinctive neutron cap-
ture processes. All of the above comments are very general and do not explain
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Fig. 1.2 Abundances of the nuclides in
the solar system at its birth. Number abun-
dances are normalized to the number of
silicon atoms (Si = 106). Data from Lodders
(2003). (a) Sum of all nuclidic abundances
at a given value of A versus mass number.

The maximum in the A = 50–65 region is
referred to as the iron peak. (b) Separate
abundance contributions from nuclides with
an even or an odd value of A versus mass
number. Even-A nuclides are in general
more abundant than odd-A nuclides.
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any details of the solar system abundance curve. An extensive discussion of
the various nucleosynthetic processes will be given in Chapter 5. Information
regarding the origin of the solar system nuclides is provided at the end of this
book (Section 5.7).

1.4
Astrophysical Aspects

1.4.1
General Considerations

The study of stars is central to astronomy and astrophysics since stars are
long-lived objects that are responsible for most of the visible light we observe
from normal galaxies. The fusion of light nuclides into heavier species liber-
ates kinetic energy at the expense of mass and serves as the interior source
of the energy radiated from the surface. These very same reactions alter the
composition of the stellar matter. As already pointed out, all nuclides with
masses of A ≥ 12 are produced in stars. When a star ejects part of its mass
into space during certain evolutionary stages, the chemical composition of the
interstellar medium will be altered by the thermonuclear debris. The interstel-
lar medium, in turn, plays a key role in providing material out of which new
generations of stars form. This cycling of matter between stars and the inter-
stellar medium involves countless stars. By comparing the age of the Galaxy
(≈ 14 Gy) with the age of the Sun (≈ 4.5 Gy) we can conclude that the cycling
process that gave rise to the solar system abundance distribution operated for
almost 10 billion years.

There is unambiguous direct evidence for the nucleosynthesis in stars. First,
we already mentioned in Section 1.1 the observation of radioactive technetium
in stellar spectra (Merrill 1952). Second, γ-rays from radioactive 26Al were dis-
covered in the interstellar medium by spectrometers onboard satellites (Ma-
honey et al. 1982, Diehl et al. 1993). The half-life of this nuclide (≈ 7.17× 105 y)
is even shorter than that for radioactive technetium, thus demonstrating again
that nucleosynthesis is currently active in the Galaxy. Third, neutrinos are pre-
dicted to be the byproducts of nuclear processes in stars (Chapter 5). Since
they interact very weakly with matter, they escape essentially unimpeded
from stellar interiors. Neutrinos from the Sun (Bahcall 1989, Hirata et al. 1990)
and from the type II supernova 1987A (Hirata et al. 1987, Bionta et al. 1987)
were detected on the Earth, providing another direct test of stellar nucleosyn-
thesis. Fourth, models of supernovae predict the ejection of radioactive 56Ni
(half-life of 6 days), which then decays to the radioactive daughter nucleus
56Co (half-life of 77 days). The subsequent decay of this nuclide (to stable
56Fe) is predicted to determine the decline of the light emission from these
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stellar explosions. The predictions agree well with the observed light curves
of supernovae. Furthermore, photons from the radioactive decay of 56Co have
been detected directly from supernova 1987A (Matz et al. 1988, Tueller et al.
1990).

The discovery of the existence of two distinct stellar populations by as-
tronomers was also of paramount importance in this respect. The populations
are referred to as population I and population II stars. They differ in their age
and their content of metals, by which astronomers mean any element other
than hydrogen and helium. Population I stars include the Sun and are metal
rich. They are young stars, having formed within the past few billion years,
and can be found in the disk of the Galaxy. Extreme population I stars rep-
resent the youngest, most metal-rich stars and are found in the spiral arms
of the Galaxy. Population II stars, on the other hand, are metal poor. They
are relatively old and are found in the halo and the bulge of the Galaxy. Ex-
treme population II stars represent the oldest, most metal poor stars and are
found in the halo and in globular clusters. Their metal abundance, relative to
hydrogen, is smaller by a factor of 100 or more compared to population I stars.

If one assumes that the initial composition of the Galaxy was uniform and
if there exists no mechanism capable of concentrating the metals in the disk of
the Galaxy, then the Galaxy must have synthesized an overwhelming fraction
of its own metals. This argument provides strong support for the theory that
nucleosynthesis is a natural process to occur during the evolution of stars. It is
then obvious that the metal content of the Galaxy increases with time since the
matter out of which stars form is being cycled through an increasing number
of stellar generations. Therefore, the differences in metallicity between the
two stellar populations suggest that population I stars formed later during
the history of the Galaxy when the interstellar medium became much more
metal rich.

Nuclear reactions not only explain the bulk solar-system abundance distri-
bution, but are also indispensable for explaining the observed chemical com-
position of individual stars. Such observations, even for trace elements, are
crucial for constraining theoretical models of stars and for better understand-
ing the complicated interplay of stellar hydrodynamics, convection, mixing,
mass loss, and rotation. Stellar nucleosynthesis also plays a decisive role for
explaining the chemical composition of the interstellar medium and is thus
interwined with γ-ray astronomy, the study of primitive meteorites, and the
nature of cosmic rays.
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1.4.2
Hertzsprung–Russell Diagram

The total amount of radiation emitted per unit time, or the luminosity, varies
strongly from star to star. The same holds for the effective stellar surface tem-
perature. However, if we plot these two quantities for many individual stars
in a diagram, then the result is not a random scatter of points, but most stars
fall into several distinct groups. This correlation of stellar luminosity and ef-
fective surface temperature represents the single most important relationship
of stellar properties. It is referred to as Hertzsprung–Russell diagram or color-
magnitude diagram. The latter name results from the fact that surface tem-
perature can be expressed in terms of the color of the star, while luminosity is
related to the absolute magnitude. An explanation of these relationships can
be found in any introductory astronomy textbook. The Hertzsprung–Russell
diagram has a profound influence on the theory of stellar evolution and, by
extension, on the history of the Galaxy as a whole.

Consider first Fig. 1.3a, showing a Hertzsprung–Russell diagram for a sam-
ple of ≈ 5000 stars in the solar neighborhood. Each dot corresponds to a single
star. The surface temperature increases from right to left in the figure. The vast
majority of stars occupy the main sequence (MS), stretching diagonally from the
upper left (hot and bright stars) to the lower right (cool and faint stars). The
Sun, for example, belongs to the main sequence. In the low and right part
(cool and faint stars) of the main sequence one finds the red dwarfs (RD). The
subgiant branch (SGB) joins the main sequence and extends in a direction to
cooler and brighter stars, where the populated region turns first into the red
clump (RC), and then into the red giant branch (RGB). In a region corresponding
to smaller luminosity and higher temperature (lower left), one finds a group
of faint and hot stars known as white dwarfs (WD). A well-known example
is Sirius B, the companion of Sirius. Some stars are located below the main
sequence, but are much brighter than white dwarfs. These are known as sub-
dwarfs (SD). A number of star categories do not appear in the figure. Super-
giants (SG) are the brightest stars in the Galaxy and would occupy the upper
end of the Hertzsprung–Russell diagram, but are very rare in the solar neigh-
borhood. The cool and faint brown dwarfs would appear off scale way down
in the lower-right part of the figure, but are too faint to appear in the figure.

A Hertzsprung–Russell diagram for the globular cluster M 3 is shown in
Fig. 1.3b. There are about 200 globular clusters in the Galaxy. They are lo-
cated in a spherical space surrounding the Galactic center, called the halo of
the Galaxy. Each cluster consists of 104–106 graviationally bound stars, which
are highly concentrated toward the cluster center. An image of the globular
cluster M 10 is shown in color Fig. 1 on page 631. Spectroscopic observations
revealed that globular clusters are metal poor compared to the Sun, implying
that they are rather old and that they formed during the early stages of Galac-
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tic evolution. It is commonly accepted that all stars in a typical globular cluster
formed around the same time from material of very similar composition. The
observation that the stars of a globular cluster occupy distinct regions in the
Hertzsprung–Russell diagram must then be explained by differences in the
only other major stellar property, that is, their initial mass. As will be shown
below, the stellar mass is the most important property influencing the evolu-
tion of stars. In fact, the higher the mass, the faster a star will evolve.

Figure 1.3b shows some of the same stellar categories already mentioned in
connection with part (a). The densest region is occupied by main-sequence
stars. The distinctive kink extending from the main sequence toward cooler
and brighter stars is called the turn-off point (TO). The subgiant branch stars
(SGB) are located on a horizontal part stretching toward the right, which
turns upward into the red giant branch (RGB). Three more groups of stars
can be clearly distinguished on the left-hand side of the RGB: the asymptotic
giant branch (AGB), the red horizontal branch (RHB), and the blue horizon-
tal branch (BHB). As will be seen below, the different groups of stars seen in
parts (a) and (b) correspond to different stages of stellar evolution. Globular
clusters in particular play an outstanding role in astrophysics since the distinct
features in their Hertzsprung–Russell diagrams represent strong constraints
for stellar models.

1.4.3
Stellar Evolution of Single Stars

One of the most important goals of the theory of stellar structure and evolu-
tion is to understand why certain stars appear only in specific regions of the
Hertzsprung–Russell diagram and how they evolve from one region to an-
other. Our aim in this section is to summarize without detailed justification
the most important issues related to the nuclear physics of stars. An introduc-
tion to stellar evolution can be found in Binney and Merrifield (1998) or Iben
(1985). A more comprehensive account is given, for example, in Kippenhahn
and Weigert (1990). We will use in this section expressions such as hydrogen
burning, helium burning, pp chain, CNO cycle, and so on, to obtain a general
idea regarding nuclear processes in stars. These will be explained in depth in
Chapter 5.

Theoretical models of stars in hydrostatic equilibrium are constructed in the
simplest case by solving a set of four partial differential equations (for radius,
luminosity, pressure, and temperature) that describe the structure of a star as
a function of the distance from the center and as a function of time. A time se-
quence of such solutions, or stellar models, represents an evolutionary track in
the Hertzsprung–Russell diagram. Stellar structure and evolution calculations
rely heavily on large scale numerical computer codes. The time changes in the
stellar properties are closely related to the energy budget. Energy is generated
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Fig. 1.3 Observational Hertzsprung–
Russell diagrams, showing visual mag-
nitude versus color index B–V. Each dot
corresponds to a star. See the text for an
explanation of the labels. (a) Sample of ≈
5000 stars in the solar neighborhood with
precisely known distances. The data were
acquired by the Hipparcos astrometry satel-
lite. The vast majority of stars occupy the
main sequence, stretching diagonally from
the hot (blue) and luminous upper left to the
cool (red) and faint lower right. The cross
hair indicates the position of the Sun. Cer-

tain categories of stars do not appear in the
figure, for example, supergiants (SG), which
are rare in the solar neighborhood, and
brown dwarfs, which are too faint for detec-
tion by Hipparcos. (b) Data for the globular
cluster M 3. Apparent rather than absolute
magnitude is displayed on the vertical axis
since the stars have the same distance from
the Earth. The RR Lyrae variable stars,
located between the red (RHB) and blue
(BHB) horizontal branches, are omitted.
From Corwin and Carney (2001).
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by the star via nuclear reactions and gravitational contraction, while energy is
continuously lost from the stellar surface via emission of photons and neutri-
nos. As will become clear in the following discussion, a star spends most of its
nuclear burning time fusing hydrogen to helium on the main sequence. Care-
ful observations showed that there is a direct correlation between the mass
and the luminosity of a main-sequence star. The greater the total mass of the
star, the greater the temperature and pressure in the core, the faster nuclear
energy is generated, and the greater the energy output or the luminosity of
the star. For example, a 10 M� main-sequence star has ≈ 3000 times the lumi-
nosity of the Sun. Furthermore, the main-sequence lifetime will also depend
strongly on the stellar mass because a star burns the nuclear fuel at a rate
that is determined by its luminosity. For example, solar-metallicity stars with
masses of 1 M�, 5 M�, and 15 M� spend about 10 Gy, 100 My, and 12 My,
respectively, on the main sequence. Once a star leaves the main sequence, the
evolution speeds up significantly, as will be seen below.

Modern theories have been enormously successful in describing the prop-
erties of stars. Nevertheless, many open questions remain unsolved. Stellar
evolution is an active research field and it is worthwhile to keep in mind the
uncertainties in the model calculations. These reflect our incomplete knowl-
edge of certain processes in stars, including the treatments of energy transport
via convection, mass loss, atomic diffusion, turbulent mixing, rotation, and
magnetic fields. For binary stars (Section 1.4.4), a host of additional problems
is encountered because, first, the model assumption of spherical symmetry
must be relaxed and, second, the interaction between the two stars becomes
important. We will not discuss these effects in any detail other than to mention
that most of them become increasingly important with ongoing stellar evolu-
tion. The effects of nuclear physics are deeply interwined with these issues.
When we discuss in later chapters the impact of nuclear physics uncertainties
on the nuclear energy generation and the nucleosynthesis, it is very important
to keep in mind that we are referring only to one piece in a complex puzzle.
One of the main goals in nuclear astrophysics is to better understand the in-
ner workings of stars. To this end, a reliable knowledge of nuclear physics is
indispensable.

A chart showing the main evolutionary phases for single stars of various ini-
tial masses is shown in Fig. 1.4 and will be helpful for the subsequent discus-
sions. The stellar masses are shown on the left-hand side and time increases
from left to right.

Premain-sequence stars

When an interstellar gas cloud consisting mainly of hydrogen and helium con-
tracts, gravitational potential energy is transformed into thermal energy and
into radiation. The gas is initially in gravitational free fall and most of the lib-
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Fig. 1.4 Major evolutionary stages for single
stars in different mass ranges. The initial
stellar mass is given on the left-hand side.
Time increases from left to right. The nu-
clear fuel in each burning phase is shown
in bold. For example, “H-C” refers to hy-
drogen burning in the core, “He-S” denotes
helium burning in a shell, and so on. For
lower-mass stars, the meaning of the la-
bels in square brackets is described in the
text (see also caption of Fig. 1.5); “DU” de-

notes the different dredge-up events. For
massive stars, the three dots indicate that
there are additional overlying burning shells
(Fig. 1.6); the labels are: “CC” for core col-
lapse, “SN” for supernova, “NS” for neutron
star, and “BH” for black hole. Note that the
mass ranges are approximate estimates
only and depend on the stellar metallicity.
For the evolution of stars in the mass range
of M ≥ 100 M�, see Woosley, Heger and
Weaver (2002), and references therein.

erated energy is not retained but radiated away because the gas is relatively
transparent. With increasing density, the opacity increases as well and some
of the emitted radiation is retained in the cloud. As a result, the temperature
and the pressure begin to rise and the contraction of the central, denser part
of the cloud slows down. The increasing temperature causes first a dissoci-
ation of hydrogen molecules into atoms, and then an ionization of hydrogen
and helium atoms. When a temperature of about 105 K is reached, the gas
is essentially ionized. The electrons trap radiation efficiently and, as a result,
the pressure and temperature increase and the collapse of the central part of
the cloud halts. The premain-sequence star eventually reaches a state of hy-
drostatic equilibrium, while still accreting matter from the outer parts of the
cloud.

The source of energy is gravitational contraction, but the first nuclear reac-
tions start to occur when the central temperature reaches a few million kelvin.
Primordial deuterium fuses with hydrogen, a process that is called deuterium
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burning (Section 5.1.1), and primordial lithium may be destroyed via interac-
tions with protons (7Li + p → α + α; the notation will be explained in Sec-
tion 1.5.2). At this stage, energy is transported via convection and most of the
star’s matter, including surface material, is expected to be processed through
the center. Although the nuclear energy release is very small, the reactions
change the light element abundances and thus provide valuable information
on the central temperatures.

When the temperature reaches several million kelvin, the fusion of hydro-
gen to helium starts to occur and contributes an increasing fraction to the total
energy output. Ultimately, a point will be reached where hydrogen fusion in
the core becomes the only source of energy. The star is now in hydrostatic and
thermal equilibrium and has reached a location in the Hertzsprung–Russell
diagram that is referred to as the zero age main sequence (ZAMS). Stars with
different initial masses reach the main sequence at different times. For ex-
ample, the premain-sequence evolution of a 1 M� star lasts about 75 million
years. Different stellar masses populate different locations on the zero age
main sequence, which thus represents a line in the Hertzsprung–Russell dia-
gram. Massive stars have higher temperatures, initiate nuclear reactions ear-
lier, and are therefore located on the hotter and brighter part (upper left), while
less massive stars will be found on the cooler and fainter part (lower right).

Newly born stars are difficult to observe because they are usually sur-
rounded by a rotating disk of gas and dust. The solar system, for example,
presumably formed from such a disk. An example for premain-sequence ob-
jects is the T Tauri stars. Their lithium abundance is relatively high, indicating
that the central temperature has not yet reached large enough values to de-
stroy lithium via nuclear reactions involving protons.

The subsequent fate of stars depends strongly on their initial mass. We will
consider the different mass ranges in turn. These main divisions are not sharp
but depend somewhat on the chemical composition.

Initial mass of 0.013 M�� M � 0.08 M�
Theory predicts that objects in this mass range never reach the central temper-
atures required to sustain hydrogen fusion in their cores and are thus unable
to generate sufficient nuclear energy to provide pressure support. The search
for these very faint and cool stars provides important constraints for stellar
evolution theory. Such objects have only been discovered in the mid-1990s
and are referred to as brown dwarfs. They are predicted to be very abundant in
the Galaxy and are, therefore, candidates for the elusive (baryonic) dark mat-
ter. Brown dwarfs are fully convective and their energy source in the early
stages is provided by gravitational contraction.

Although brown dwarfs are not true stars, they do have enough mass to
undergo deuterium burning, a fact that sets them apart from massive planets
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like Jupiter. This provides an additional, low-level, source of energy. They also
have a relatively high lithium abundance since temperatures remain too low
to destroy this element. The outer layers of a brown dwarf can be described
by the ideal gas law. The core, however, becomes eventually electron degen-
erate. As a result, the contraction halts and the brown dwarf slowly cools, at
approximately constant radius, by radiating its thermal energy into space. In
the Hertzsprung–Russell diagram, a brown dwarf evolves almost vertically
downward and straight past the main sequence (Fig. 1.3).

A detailed description of the properties of degenerate matter is given in
many modern physics textbooks and is not repeated here. We will summa-
rize a few properties, however, that are also important for our discussion of
other stars. Matter becomes degenerate at relatively high densities as a result
of the Pauli exclusion principle which states that no more than two spin-1/2
particles (such as electrons) can occupy a given quantum state simultaneously.
A degenerate gas strongly resists further compression because electrons can-
not move into lower energy levels that are already occupied. Unlike an ideal
classical gas, whose pressure is proportional to its temperature, the pressure
exerted by a completely degenerate gas does not depend on temperature. Or,
in other words, increasing the temperature of a partially degenerate gas has
only a small effect on the total pressure. It will be seen later that, when the tem-
perature reaches a sufficiently high value, the degeneracy is lifted, by which
we mean that the properties of such a gas revert to those of an ideal classical
gas. Furthermore, there exists an upper limit to the pressure provided by a
degenerate gas. If gravity exceeds this pressure, the star will collapse despite
the presence of the degenerate particles. The maximum value for the mass
of a star that can maintain an equilibrium between degeneracy pressure and
gravity is called the Chandrasekhar limit. Its precise value depends on the com-
position. For an electron degenerate gas and matter characterized by two nu-
cleons per electron (for example, 4He, 12C, or 16O), the limiting value amounts
to ≈ 1.44 M�. Stars that enter a state of electron degeneracy toward the end
of their evolution are called white dwarfs. Indeed, white dwarfs with masses in
excess of the Chandrasekhar limit are not observed in nature.

Initial mass of 0.08 M�� M � 0.4 M�
Stars in this mass range are sometimes referred to as red dwarfs (or M dwarfs).
They are the most common type of star in the neighborhood of the Sun. For
example, the nearest star to the Sun, Proxima Centauri, is a red dwarf. These
stars have sufficient mass to fuse hydrogen to helium (hydrogen burning) in
their cores via the pp chain. Starting from the zero age main sequence, the
red dwarf evolves toward higher luminosity and increasing surface temper-
ature (up and left). All stars that sustain hydrostatic equilibrium by burning
hydrogen in their cores are called main-sequence stars. Theoretical models indi-
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cate that, for example, a 0.1 M� star of solar metallicity remains on the main
sequence for about 6000 Gy. During this time the red dwarf is fully convec-
tive, which implies that its entire hydrogen content is available as nuclear fuel.
Since the age of the Universe is about 14 Gy, all red dwarfs that we observe
must be main-sequence stars. Eventually, they will run out of nuclear fuel,
that is, all their hydrogen will be converted to helium. Red dwarfs do not have
enough mass to produce the higher temperatures required to fuse helium nu-
clei. Thus they contract until electron degeneracy sets in. Their volume is
constant from then on since the degeneracy pressure resists further compres-
sion. They become helium white dwarfs that cool slowly by radiating away
their thermal energy.

Initial mass of 0.4 M� � M � 2 M�
The evolution of stars in this mass range is considerably more complicated
compared to the previous cases. The life of the star starts on the zero age
main sequence when hydrogen begins to fuse to helium in the core. In stars
with masses below M ≈ 1.5 M�, hydrogen fusion proceeds via the pp chains,
while more massive stars burn hydrogen via the CNO cycles. It will be seen
later that these different processes affect the stellar structure since they pos-
sess very different temperature dependences (Section 5.1). In stars with M �
1.5 M�, the strong temperature dependence of the CNO cycles concentrates
the energy production in the center and, as a result, the core transports energy
via convection. In stars with M � 1.5 M�, the energy generated in the core by
the pp chains is transported via radiation.

As an example, we will discuss in the following the evolution of a special
star, the Sun (see color Fig. 2 on page 632). The evolutionary track is shown
schematically in Fig. 1.5a. The arguments given below follow the numeri-
cal results obtained by Sackmann, Boothroyd and Kraemer (1993). The Sun
started central hydrogen burning via the pp chains on the zero age main se-
quence about 4.5 Gy ago. At present the central temperature and density
amount to T ≈ 15 MK and ρ ≈ 150 g/cm3, respectively, and about one half
of the original hydrogen in the core has been consumed so far. The Sun has a
very small convective region at the surface, comprising only ≈ 2% of its entire
mass. About 4.8 Gy from now, the hydrogen in the core will be exhausted.
The Sun will then be located at the bluest and hottest point on the main se-
quence, called the turn-off point. Note that in Fig. 1.5a the track describing
nuclear burning on the main sequence follows an arc. This is one of the rea-
sons for the fact that the main sequence in observational Hertzsprung–Russell
diagrams represents a band rather than a narrow line.

Hydrogen fusion continues in a thick shell near the core where there is still
hydrogen left. The Sun slowly leaves the main sequence at this point. The
Sun’s center begins to contract in order to generate energy that is no longer
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provided by nuclear processes and the contraction causes further heating. As
a result, the temperature in the hydrogen burning shell, and the associated
nuclear energy generation rate, also increase. Initially, the Sun has not yet
developed a fully convective envelope and it is called a subgiant branch star
(SGB). Eventually, the envelope becomes fully convective. The extra energy
output from the hydrogen burning shell results in a dramatic surface expan-
sion and engulfs the planet Mercury. The Sun becomes a red giant star. While
the Sun ascends the red giant branch (RGB), the luminosity increases contin-
uously. Maximum luminosity is achieved on the tip of the red giant branch
after about 0.6 Gy from the time when the Sun left the main sequence. Dur-
ing the red giant phase the Sun starts to experience significant mass loss. The
contraction of the core during the red giant phase increases the central tem-
perature and density by factors of 10 and 104, respectively, compared to the
values at hydrogen ignition. In fact, the core achieves such high densities that
the matter becomes electron degenerate. During the RGB phase, the convec-
tive envelope deepens significantly until it comprises about 75% of the Sun’s
mass. This deep convective envelope dredges up the products of hydrogen
burning from the outer core. The process is referred to as the “first dredge-
up.”

When the temperature reaches about T ≈ 0.1 GK, the helium in the core
starts to fuse to carbon and oxygen (helium burning). In a normal gas, the extra
energy release would cause an expansion. As a result, the temperature would
fall and the nuclear energy generation rate would decrease as well. This is
the usual manner by which stars adjust to an energy increase in their interior,
allowing them to stabilize. However, in a degenerate gas the temperature
increase does not affect the pressure. No expansion occurs and, as a result,
the temperature increases causing an even higher energy generation rate. As
will be seen in Section 5.3, helium burning is highly temperature sensitive.
The sequence of events repeats itself, giving rise to a thermonuclear runaway.
It only terminates after so much energy has been released that the electron
degeneracy is lifted. Thus, the ignition of helium in the core results in a violent
core helium flash (HeF).

It is important to point out that the helium flash does not represent a stel-
lar explosion. The energy during the thermonuclear runaway goes into lifting
the electron degeneracy and into the subsequent expansion of the core. The
surface luminosity of the star does not increase. In fact, the opposite happens.
The surface luminosity declines by two orders of magnitude because the ex-
pansion of the core causes the surrounding hydrogen burning shell, which has
been supplying all the surface luminosity, to cool and to generate less energy.
Eventually, the Sun becomes a horizontal branch star, quietly burning helium in
the core. The temperatures in the hydrogen shell just above the core are high
enough for hydrogen to continue to burn via the CNO cycles. The nuclear
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energy release in helium fusion is considerably less compared to hydrogen fu-
sion. Therefore, the duration of the core helium burning stage is much shorter
than that of the core hydrogen burning stage. The Sun remains on the hori-
zontal branch for about 0.1 Gy, which is typical for all stars in this mass range.

When the helium in the core is exhausted, the core contracts again, heats
up, and ignites the helium in a surrounding shell. The Sun now burns nuclear
fuel in two shells, helium in a shell surrounding the carbon–oxygen core, and
hydrogen in a shell surrounding the helium burning region. The two shells
are separated by an intershell region consisting mainly of helium. This stage
is referred to as the early asymptotic giant branch phase (E-AGB), because the
second ascent of the giant branch merges almost asymptotically with the first
giant branch (at least for some stellar masses). While the Sun ascends the as-
ymptotic giant branch, the helium burning shell becomes thermally unstable
(Schwarzschild and Härm 1965; see also Section 5.6.1). Energy is not gener-
ated at a steady rate, but the hydrogen and helium burning shell alternate as
the major contributor to the overall luminosity. For about 90% of the time, the
hydrogen burning shell provides the Sun’s nuclear energy, while the helium
shell is only marginally active. Hydrogen burning adds continuously to the
mass of the helium zone, however, so that the temperature and density near
this zone rise until energy is generated by helium burning at a rate that is
larger than the rate at which it can be carried outward by radiative diffusion.
As a result, a thermonuclear runaway occurs. The sudden release of energy
pushes out and cools the hydrogen burning shell until it ceases to burn. The
helium burning shell is now the only source of nuclear energy. Eventually,
the expansion quenches the helium shell flash (or thermal pulse) and the Sun
contracts again. The hydrogen burning shell reignites and ultimately takes
over as the dominant nuclear energy source, until the next thermal pulse oc-
curs about 105 y later. The cycle may repeat many times. This evolutionary
stage is called the thermally pulsing asymptotic giant branch (TP-AGB). The
total amount of time the Sun spends on the AGB amounts only to about 20 My
and is thus very short compared to the main-sequence lifetime. The thermal
pulses cause the Sun’s radius to vary periodically by a factor of 4, with the
peak radius reaching close to the Earth.

The Sun suffers an episode of significant mass loss on the asymptotic gi-
ant branch via a strong stellar wind. Thermal pulses are ceasing at this point
as the Sun becomes a postasymptotic giant branch star (P-AGB), with only
a fraction of its initial mass left and the other part returned to the interstel-
lar medium. As more hydrogen of the envelope is ejected into space, hotter
layers are uncovered and the Sun begins to move in the Hertzsprung–Russell
diagram toward higher surface temperatures (horizontally to the left). When
the surface of the Sun becomes hot enough, the intense ultraviolet radiation
ionizes the expanding ejecta, which begin to fluoresce brightly as a planetary
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nebula (PN). Two examples for planetary nebulae, the Dumbbell Nebula and
the Cat’s Eye Nebula, are shown in color Figs. 3 and 4 on page 633 and 634,
respectively. The residual core is called a planetary nebula nucleus (PNN). Even-
tually, there is no hydrogen envelope left and the hydrogen burning shell ex-
tinguishes. The luminosity decreases rapidly causing the evolutionary track
to turn downward and slightly to the right. The Sun will then end its existence
as a white dwarf with a mass of ≈ 0.5 M�, consisting mainly of carbon and
oxygen. It is supported by electron degeneracy pressure and cools slowly by
radiating away its thermal energy.

It must be stressed again that in the above discussion the evolution beyond
the red giant branch is rather uncertain because of our incomplete knowledge
on how to predict convection and mass loss. That these effects will indeed oc-
cur has been demonstrated by stellar observations, but a deeper understand-
ing is lacking at present. It is generally accepted that each thermal pulse dur-
ing the TP-AGB phase provides favorable conditions for another dredge-up
episode after the end of flash-burning in the helium shell. The convective en-
velope reaches deep into the star below the bottom of the hydrogen burning
shell and carries the products from hydrogen and helium shell burning, in
particular helium and carbon, to the stellar surface. This process is referred
to as the “third dredge-up” and increases the carbon abundance in the en-
velope relative to other elements, for example, oxygen. Stars for which the
number ratio of carbon to oxygen exceeds unity are called carbon stars. Many
of these have been observed and most are believed to correspond to stars in
their TP-AGB phase. As will be seen later, AGB stars are also the source of
many heavy nuclides with mass numbers beyond A = 60. Stellar models pre-
dict that these (s-process) nuclei are also dredged up to the surface where they
can be observed in stellar atmospheres. In fact, the first direct evidence that
nucleosynthesis takes place in stars and that the products could be mixed to
the surface was the observation of radioactive technetium in certain (S-type)
carbon stars (Section 1.1). For more information on AGB stars, see Habing and
Olofsson (2004).

We are now in a position to understand some other details in the observa-
tional Hertzsprung–Russell diagrams shown in Fig. 1.3. The precise location
in luminosity and surface temperature of a star on the horizontal branch de-
pends on the chemical composition of the envelope, the size of the helium
core at the time of the helium flash, and the mass of the envelope which is
influenced by the mass loss during the preceding RGB phase. In a globular
cluster, all the stars start out with the same, low-metallicity, composition and
their location on the horizontal branch is mainly influenced by mass loss. The
more the mass lost from the hydrogen envelope, the hotter the layers in the
star are uncovered. Stars with the smallest amount of mass in the hydrogen
envelope populate the blue part (BHB), while stars with more hydrogen left
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in the envelope can be found on the red part (RHB). The horizontal branch
intersects the so-called instability strip (which is not related to nuclear burn-
ing). Stars located in this narrow and almost vertical band, indicated by the
two vertical dashed lines in Fig. 1.5a, are unstable to radial pulsation and are
called RR Lyrae variables. Their luminosity correlates with both their period
(several hours to ≈ 1 day) and their metallicity. Therefore, they are impor-
tant for determining the distances to globular clusters and for establishing a
cosmic distance scale (Binney and Merrifield 1998). Increasing the metallicity
has the overall effect of making a star fainter and cooler. Therefore, stars in
metal-rich clusters or in the solar neighborhood (Fig. 1.3) accumulate at the
red end (right) of the horizontal branch, fairly independent of their envelope
mass. This region is called the red clump (RC).

The metallicity argument also applies to the subdwarfs (SD). These are in
fact main-sequence stars of very low metallicity. They are hotter than solar-
metallicity stars at a comparable evolutionary stage and are thus located to
the left of the main sequence that is occupied by metal-rich stars.

It should also be clear now why the upper part of the main sequence in
Fig. 1.3b is missing. Globular clusters are metal-poor and old, and do not form
new stars. The high-mass stars that were originally located on the upper part
of the main sequence evolved a long time ago into red giants. Only the slowly
evolving low-mass stars are left today on the main sequence. Clearly, with
increasing time lower mass stars will eventually become red giants and the
main sequence will become shorter. It is interesting that the age of the cluster
can be determined from the location of the turn-off point, which is located
at the top of the surviving portion of the main sequence. If the distance to
the cluster is known by independent means, the luminosity of the stars at
the turn-off point can be related to their mass. Stellar evolution models can
predict the main-sequence lifetime of stars with a given mass, which must
then be nearly equal to the age of the cluster. Such investigations yield ages
for the most metal-poor (and presumably oldest) globular clusters of about
12–13 Gy, indicating that these objects formed very early in the history of the
Galaxy. This estimate also represents an important lower limit on the age of
the Universe (Krauss and Chaboyer 2003).

Initial mass of 2 M�� M � 11 M�
We can divide this mass range into several subranges. Stars with initial
masses of 2 M� � M � 4 M� evolve obviously faster than less massive
stars and their tracks will look quantitatively different from the results shown
in Fig. 1.5a. But otherwise they evolve through the same stages as a solar-
like star. A major difference, however, arises from the fact that for stars with
M � 2 M� the helium core during the RGB phase does not become elec-
tron degenerate. Therefore, a helium flash does not occur but instead helium
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Fig. 1.5 Schematic evolutionary tracks of
(a) the Sun, and (b) massive stars of ini-
tial solar composition, in the Hertzsprung–
Russell diagram; the luminosity on the verti-
cal axis is given in units of the present solar
luminosity. The heavy portions define the
locations where major core nuclear burn-
ing phases occur. Details of tracks during
transitions between major nuclear burning
phases are omitted. The meaning of the
labels are: main sequence (MS); zero age
main sequence (ZAMS); subgiant branch
(SGB); red giant branch (RGB); core he-
lium flash (HeF); horizontal branch (HB);
early asymptotic giant branch (E-AGB);
thermally pulsing asymptotic giant branch

(TP-AGB); post asymptotic giant branch (P-
AGB); planetary nebula nucleus (PNN);
carbon–oxygen white dwarf (CO-WD).
Metal-poor stars in the initial mass range
of 0.4 M� � M � 2 M� appear during
core helium burning in a region marked by
the horizontal dashed line in part (a), de-
pending on the mass loss during the RGB
phase. The two dashed diagonal lines indi-
cate the instability strip. In part (b) the core
burning phases are labeled by the nuclear
fuel: hydrogen (H), helium (He), carbon (C),
and so on. The onset of carbon burning is
marked by the full circle. Note the vastly dif-
ferent luminosity scale in parts (a) and (b).
See the text.
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ignites quiescently in the center. Subsequently, these stars make excursions
to the left (toward higher temperatures) in the Hertzsprung–Russell diagram
and some of them are liable to pass into the instability strip. The observational
counterparts of these variable stars are called classical Cepheids. They are im-
portant for establishing a cosmic distance scale since their observed pulsation
period is correlated with their luminosity.

Stars with initial masses of M � 4 M� experience an additional episode
of mixing. Following core helium exhaustion in the core, the structural read-
justment to helium shell burning results in a strong expansion, such that the
hydrogen burning shell is extinguished as the star begins to ascend the early
asymptotic giant branch (E-AGB). At this time the inner edge of the convective
envelope penetrates the dormant hydrogen shell, and the products of hydro-
gen burning are mixed to the surface. This process is referred to as the “second
dredge-up.” Afterward, the hydrogen shell reignites and the star continues to
evolve up the asymptotic giant branch (AGB).

The evolution of stars in the initial mass range of 9 M� � M � 11 M� is
more complicated and less established at present. Models predict a number
of important differences compared to the evolution of lower mass stars. We
will discuss the evolution of a 10 M� star with initial solar composition as an
example (Ritossa, García-Berro and Iben 1996). The star starts out by burning
hydrogen in the core via the CNO cycles for about 10 million years. Following
the exhaustion of hydrogen in its center, the star evolves toward the red giant
branch where eventually the first dredge-up event occurs. Helium burning
starts in the core under nondegenerate conditions and lasts for about 270,000
years. After helium exhaustion, the core contracts and heats up, and the outer
layers of the star expand. Thereafter, the hydrogen burning shell extinguishes,
while helium continues to burn in a shell surrounding a partially electron de-
generate carbon–oxygen core. Eventually, the core becomes sufficiently hot
for the fusion of carbon nuclei (carbon burning). When carbon ignites, the star
enters the super asymptotic giant branch (SAGB). Carbon burning starts with
a thermonuclear runaway (carbon flash) and the energy generation rate from
carbon fusion increases greatly. The energy release causes the overlying lay-
ers to expand, giving rise to a reduction in the helium shell burning energy
generation rate. After a relaxation period, the helium burning shell returns to
its prior energy output. Several of these flashes occur over the carbon burn-
ing lifetime, which lasts for about 20,000 years. When carbon is exhausted in
the center, the electron degenerate core consists mainly of oxygen and neon.
After carbon burning extinguishes, the second dredge-up event occurs. Sub-
sequently, the dormant hydrogen shell on top of the helium burning shell is re-
activated and a complicated interplay between these two burning shells gives
rise to thermal pulses which are driven by helium shell flashes. During this
time, the third dredge-up event occurs. Eventually, the hydrogen-rich surface
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is removed by a strong stellar wind and the star becomes the central object of
a planetary nebula. It ends its existence as a oxygen–neon white dwarf with a
mass of ≈ 1.2 M�.

Initial mass of M � 11 M�
The evolution of stars in this mass range is in many ways fundamentally dif-
ferent compared to our earlier discussion. Schematic evolutionary tracks for
13 M�, 15 M�, 20 M�, and 25 M� stars are shown in Fig. 1.5b. The case of
a 25 M� star with initial solar composition will be discussed in the following
as an example (Chieffi, Limongi and Straniero 1998; Limongi, Straniero and
Chieffi 2000; Woosley, Heger and Weaver 2002). The total life of such a mas-
sive stars is relatively short and amounts only to ≈ 7 My. The star spends 90%
of this time on the main-sequence burning hydrogen to helium via the CNO
cycles in the core. When the hydrogen in the center is exhausted, hydrogen
burning continues in a shell. The core contracts and heats up until helium is
ignited. This new source of nuclear energy heats the overlying hydrogen shell
and the outer layers of the star expand greatly. The star becomes a super-
giant. These stars show up in the Hertzsprung–Russell diagram at the highest
observed luminosities. Examples are Rigel (blue supergiant) and Betelgeuse
(red supergiant) in the constellation Orion.

Core helium burning lasts for about 800,000 years and some of the heavy
nuclides with masses of A > 60 are synthesized during this stage via neutron
captures (s-process; Section 5.6.1). When helium is exhausted in the center,
helium burning continues in a shell located beneath the hydrogen burning
shell. Eventually, carbon burning starts in the core. These burning stages
have already been discussed above.

Stars with initial masses exceeding ≈ 11 M� are capable of igniting succes-
sive burning stages in their cores using the ashes of the previous core burning
stage as fuel. Three distinct burning stages follow carbon burning. They are
referred to as neon burning, oxygen burning, and silicon burning, and will be
discussed in detail in Section 5.5. There is a fundamental difference between
the initial and the advanced burning stages in the manner by which the nu-
clear energy generated in the stellar interior is transformed and radiated from
the surface. For hydrogen and helium burning, nuclear energy is almost ex-
clusively converted to light. During the advanced burning stages energy is
almost entirely radiated as neutrino–antineutrino pairs and the light radiated
from the star’s surface represents only a very small fraction of the total energy
release. Since the neutrino losses increase dramatically during the advanced
burning stages and because the nuclear burning lifetime scales inversely with
the total luminosity, the evolution of the star rapidly accelerates. For example,
silicon burning will last for only about 1 day (Chapter 5). Since the advanced
burning stages transpire very quickly, the envelope has insufficient time to re-
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Fig. 1.6 Schematic structure of a presu-
pernova star (not to scale). The upper-left
side shows the one or two most abundant
nuclear species in each region (according
to Limongi, Straniero and Chieffi 2000).
Nuclear reactions are very temperature de-
pendent. Thus the nuclear burning takes

place in relatively thin shells at the interface
between layers of different composition. The
nuclear burning shells are labeled on the
lower-left side; for example, “H-B” stands for
hydrogen burning. This model is sometimes
referred to as the “onion shell structure” of a
massive star.

act to the structural changes in the stellar interior. Thus, from carbon burning
onward, the star will no longer move in the Hertzsprung–Russell diagram,
but remains at the position indicated by the solid circle in Fig. 1.5b. Further-
more, since the star spends most of its life burning either hydrogen or helium
in the core, these are typically the only phases that we can observe.

The approximate structure of the massive star after the silicon has been ex-
hausted in the core is shown in Fig. 1.6. The star consists now of several lay-
ers of different composition that are separated by thin nuclear burning shells.
The details of the nucleosynthesis are complicated and will be discussed in
Chapter 5. It is sufficient to mention at this point that the heaviest and most
stable nuclei (that is, the iron peak nuclei; Section 1.3) are found in the core.
In fact, the most abundant nuclide in the core is 56Fe. It should also be noted
that the luminosity during the red giant phase is so large that the star un-
dergoes a significant mass loss. The effect is more pronounced for stars with
M � 30–35 M� that lose eventually most of their hydrogen envelope. The ob-
servational counterparts of such stars are the hot and massive Wolf–Rayet stars,
which have been observed to lose mass at a rate of ≈ 10−5 M� per year at stel-
lar wind speeds of ≈ 2000 km/s. An image of a Wolf–Rayet star is shown in
color Fig. 5 on page 635.
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The electron degenerate stellar core has at this point no other sources of
nuclear energy to its disposal and grows in mass as the overlying burning
shells contribute nuclear ashes. When the mass of the core exceeds the Chan-
drasekhar limit (≈ 1.4 M�), the electron degeneracy pressure is unable to
counteract gravity, and the core collapses. The core collapse is accelerated by
two important effects. First, as the electron density increases, electrons cap-
ture onto iron peak nuclei (Section 1.8.4). This removes electrons that were
contributing to the pressure. Second, at temperatures of ≈ 5 GK, the ther-
mal radiation becomes sufficiently energetic and intense that the iron peak
nuclei are photodisintegrated into lighter and less stable nuclei. This process
removes energy that could have provided pressure. At this stage the core of
the star is essentially collapsing in free fall. When the density reaches values
on the order of the nuclear density (≈ 1014 g/cm3), the nuclei and free nu-
cleons begin to feel the short-range nuclear force, which is repulsive at very
short distances. The inner collapsing core reaches high inward velocities and
overshoots the nuclear density. The nuclear potential acts as a stiff spring that
stores energy in the compressive phase until it rebounds. The rebounding
part of the core encounters infalling matter and thus gives rise to an outward
moving shock wave. The very hot and dense inner core has become a proto-
neutron star with a mass of ≈ 1.5 M�.

While the shock wave moves outward through the outer core region, it loses
energy by photodisintegrating the iron peak nuclei. Furthermore, energy is
removed from the shock wave by the emission of neutrinos. It takes about 1 s
after core collapse, and about 10 ms after the core has bounced, for the shock
wave to reach the outer edge of the core. At this time the shock wave has lost
all of its kinetic energy and it stalls. How exactly the shock is revived and how
it will ultimately propagate through the stellar layers beyond the iron core and
disrupt the star in a core collapse supernova explosion is still unknown. The
stalled shock wave is thought to be revived by the neutrinos and antineutrinos
that emerge from the hot and dense proto-neutron star, a fraction of which is
absorbed by protons and neutrons behind the shock (Bethe and Wilson 1985).

Once the shock wave is revived by the neutrino energy deposition, it prop-
agates outward beyond the iron core and compresses and heats each of the
overlying shells of the star. Some of the shells experience, after hydrostatic
burning prior to core collapse, another episode of nucleosynthesis which pro-
ceeds on timescales of a few seconds and is called explosive nuclear burning.
The silicon (28Si) and oxygen (16O) in the first layers that the shock wave en-
counters (Fig. 1.6) are quickly converted to iron peak nuclei at high temper-
atures (≈ 5 GK). It will be shown in Section 5.5.5 that under such conditions
the most abundant product nuclide originating from these layers is 56

28Ni28. By
the time the shock wave reaches the other layers of the star, the temperatures
achieved are much smaller and hence these are ejected into space with less


